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Introduction

Stellar evolution is determined by the reactions which take place within
stars:

• Binding energy per nucleon determines the most stable isotopes
and therefore the most probable end products of fusion and fis-
sion reactions.

• For fusion to occur, quantum mechanical tunneling through the
repulsive Coulomb barrier must occur so that the strong nuclear
force (which is a short-range force) can take over and hold the
two nuclei together.

• Hydrogen is converted to helium by the PP-Chain and CNO-
Cycle.

• In due course, helium is converted to carbon and oxygen through
the 3α-reaction.

• Other processes, such as neutron capture reactions, produce heav-
ier elements.



Binding Energy Per Nucleon – I

The general description of a nuclear reaction is

I(Ai,Zi) + J(Aj,Zj)↔ K(Ak,Zk) + L(A`,Z`)

where

• An is the baryon number, nucleon number or nuclear mass of nucleus N and

• Zn is the nuclear charge of nucleus N.

The nucleus of any element (or isotope) N is uniquely defined by the two integers An

and Zn. Note also that anti-particles have the opposite charge to their corresponding
particle.

In any nuclear reaction, the following must be conserved:

• the baryon number (protons, neutrons and their anti-particles),

• the lepton number (electrons, positrons, neutrinos and anti-neutrinos) and

• charge.



Binding Energy Per Nucleon – II

The total mass of a nucleus is known to be less than the total mass of the constituent
nucleons and so:

• There is a decrease in mass whenever a nucleus is formed from constituent nucleons.

• The mass-deficit is released as energy according to Einstein’s equation E = mc2.

• The difference is known as the binding energy of the nucleus.

Thus if a nucleus is composed of Z protons and N neutrons, its binding energy is

Q(Z,N) ≡ [Z mp + N mn −M(Z,N)] c2.

A more significant quantity is the total binding energy per nucleon

Q(Z,N)/(Z + N) = Q(Z,N)/A

which is considered relative to the hydrogen binding energy per nucleon which is of
course zero.



Binding Energy Per Nucleon – III
CHAPTER 2. NUCLEAR 2.2. BINDING ENERGY

Figure 2.1: Binding energy per nucleon (B/A) as a function of A for some common
nuclei. Data taken from [5]. Plot from [source].

Firstly, we will need an attractive force in order to hold the nucleus together against
the mutual electrostatic replusion of its constituent protons. That force must be
very strong, since the Coulomb electrostatic repulsion between a pair of protons,
each of charge e and separated by distance d ≈ 1 fm, is

F =
e2

4πε0 d2

≈ 230N

which is macroscopic – comparable to the weight of a child.

What form should that nucleon-nucleon attractive force take? We can get clues
about the force by looking at the binding energy per nucleon B/A is shown for some
common nuclei, shown in Figure 2.1. For nuclei this binding energy is typically of
order 8 MeV per nucleon. It can be seen that the most stable nuclei are found
around 56Fe. Different behaviours can be seen in different regions. There is a broad
flattish plateau for the central region 30 < A < 200 for which B/A ≈ 8MeV.
For A below about 30 the binding energy per nucleon is smaller than the plateau
value and is spiky. There is a systematic drop in B/A for large A, particularly for
A > 200.

To obtain a value of B/A that is rather flat, we cannot permit strong attractions
between each of the constituent nucleons and every one of the others. If every
nucleon felt an attraction to each of the others, then the binding energy would be
expected to grow as approximately B ∝ A(A− 1) ∼ A2, and hence B/A would be
approximately proportional to A. Such a linear growth in B/A is ruled out by the
data (Figure 2.1).

To obtain the flat B/A found in nature we must assume that the strongly attractive
force acts only between nearest neighbour nucleons. In this way, each nucleon
binds to the same number of nearest neighbours, independently of the size of the
nucleus, and hence the binding energy per nucleon is the same regardless of the
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Binding Energy Per Nucleon – IV

The variation of binding energy per nucleon with baryon number A:

• General trend is an increase of Q with atomic mass up to A = 56 (Fe), followed
by a slow monotonic decline.

• There is a steep rise from H to 2H, 3He to 4He.

• Fusion of H to He should release a larger amount of energy per unit mass than say
fusion of He to C.

• Energy may be gained by the fusion of lighter elements to form heavier elements,
up to Fe.

• Energy may also be gained from the fission of heavy nuclei to form lighter nuclei,
down to Fe.



Coulomb Barrier Penetration – I
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Figure 13.1: Upper section: a schematic plot of the potential between two charged nucleons as a function of

separation. At `large' separations (& 10−15 m), the repulsive Coulomb force is given by eqtn. (13.8); classically,

particles cannot come closer than the point r1 at which the relative kinetic energy corresponds to the repulsive

potential. Quantum-mechanical tunneling allows the nucleons to approach closer, to separation r2, at which point

the strong nuclear force dominates.

The lower panel expresses this tunnelling schematically. The (square of the) amplitude of the wave function is a

measure of the probability of a particle being in a particular location; the amplitude of the wave function decreases

exponentially between r1 and r2, but does not fall to zero. (See Aside 13.1 for further details.)

where α ' 4.5 for proton-proton reactions in the Sun [Section 13.4; ε0 ∝ n2(H)], and α ' 18 for

CN processing [Section 13.5; ε0 ∝ n(H)n(C,N)].

[Note that eqtn. (13.9) characterizes the rate of energy generation per unit mass (or, if you like,

per nucleon). Although density appears here as a simple linear multiplier, reference to

eqtn. 13.6 reminds us that, like nearly all `collisional' processes, the energy generation rate per

unit volume � or the probability of a given nucleus undergoing fusion � depends on density

squared.]
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Coulomb Barrier Penetration – II

Conditions under which fusion can occur are:

• Nuclei interact through the four forces of physics, though only the electromagnetic
and the strong nuclear forces are important here.

• Two positively charged nuclei must overcome a Coulomb barrier (a long range force
∝ r2) to achieve a separation where the strong nuclear attractive force dominates
(∼ 10−15m, which is the typical size of a nucleus).

• Height of the Coulomb barrier is estimated by z1 z2 e
2/(4 π ε0 r) where z1 and z2 are

the numbers of protons in the two nuclei, e is the electronic charge (1.6× 10−19 C)
and ε0 is the permittivity of free space = 8.85× 10−12 C2 N−1 m−2.

• There is a finite probability for a particle to penetrate the Coulomb barrier as if a
“tunnel” existed; this quantum mechanical effect was discovered by Gamow (1928)
in connection with radioactivity.

• Penetration probability as computed by Gamow is exp(−πz1z2e2/(ε0 hν)) which
increases as the particle velocity v (and hence energy hν) increase.

• For an ideal gas, v will have a Maxwellian distribution and so the fusion probability
is given by

Pfusion ∝ exp(−π z1 z2 e
2

ε0 h ν
) exp(−mv2

2 k T
).



Gamow Peak – I

Figure 13.2: The main energy-dependent factors determining two-body reaction rates are the numbers of

reagents as a function of energy (the Maxwellian velocity distribution) and the tunnelling probability of pene-

tration. The product of these two terms gives the energy distribution of particles participating in fusion. These

factors are illustrated here, on arbitrary vertical scales, for the fusion of two protons in the solar core (Gamow

energy EG = 290kT for T = 2 × 107 K; E0 = 4.2kT , 1/e width ∆ = 4.8kT ). See Aside 13.1.

Aside 13.1: The Gamow Peak

As illustrated in Fig. 13.1, `tunnelling' can occur to allow fusion to occur at particle energies which classical

mechanics would indicate to be too low to overcome the Coulomb barrier. For higher temperatures (and larger

kinetic energies), particles will come closer together (r1 approaches r2), the decay of the wave function is

reduced, and so the amplitude of the wave function in the region r < r2 becomes larger � that is, the tunnelling

probability increases as the kinetic energy of the incoming nucleus increases.

Obtaining the probability of barrier penetration, pp, for given energy, is a standard problem in wave mechanics.

We simply quote the result that the probability of penetration varies exponentially with the ratio of kinetic

energy to barrier size,

pp ∝ exp

(
−

„
EG

E

«1/2
)

(A-13.1)

with the `Gamow energy' EG (unnamed and written as b2 in some sources) given by

EG = 2mRc
2 (παZ1Z2)2 (= 493 keV for proton-proton fusion), (A-13.2)

where α is the �ne structure constant,

α =
e2

4πε0~c
' 1

137
. (A-13.3)

and mR is the `reduced mass',

mR =
m1m2

m1 +m2
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Gamow Peak – II

The Gamow peak is the product of the Maxwellian distribution and
tunnelling probability (Pfusion):

• Area under the Gamow peak determines the reaction rate.

• The higher the electric charges of the interacting nuclei, the
greater the repulsive force; hence the higher T has to be before
reactions occur.

• Highly charged nuclei are obviously more massive and so reac-
tions between light nuclei occur at a lower T than reactions be-
tween heavy nuclei.



PP Chain – I

The PP Chain has three main branches:

• PP I

1) 1H + 1H → 2H + e+ + νe

2) 2H + 1H → 3He + γ

3) 3He + 3He → 4He + 1H + 1H

• PP II

3) 3He + 4He → 7Be + γ

4) 7Be + e− → 7Li + νe

5) 7Li + 1H → 4He + 4He

• PP III

4) 7Be + 1H → 8B + γ

5) 8B → 8Be + e+ + νe

6) 8Be → 4He + 4He



PP Chain – II

The most important series of fusion reactions are those converting H to He; this
dominates ∼ 90% the lifetime of nearly all stars

• Fusion of four protons to give one 4He is completely negligible.

• Reactions proceed in steps involving the close encounter of two particles.

• The PP-Chain and CNO-Cycle are the main steps and are considered
here.

• The PP-Chain has three main steps shown on the previous slide.

• Relative importance of PP I and PP II depends on H-burning conditions
(T, ρ, abundances). The transition from PP I to PP II occurs at T >
1.3× 107 K.

• When T > 3.0× 107 K the PP III Branch dominates over the other two,
but the CNO-Cycle begins to take over in this case.



PP Chain – III

Energy released in the formation of an α-particle by the fusion of four protons
is the mass difference of four protons and an α-particle:

Qp−p =
[
4M(1H)−M(4He)

]
c2 = 26.7 MeV

• The fusion of four protons to give an α-particle involves the conversion of
two protons into neutrons.

• Spin conservation requires that two neutrinos also be emitted which carry
energy away from the reaction site.

• Neutrino emission directly confirms the occurrence of nuclear reactions in
the solar interior. No other direct test of nuclear reactions is possible.

• Mean neutrino energy flux is∼ 0.26 MeV for 2H creation (PP I and PP II)
and ∼ 7.2 MeV for β − decay (PP III).

• But as PP III makes only a small contribution, the energy released for
each α-particle created is ∼ 26 MeV.



CNO Cycle

At birth, solar metallicity stars contain a small (∼ 2%) mix of heavy elements,
some of the most abundant of which are carbon, nitrogen and oxygen; these in
effect act as catalysts in the conversion of hydrogen to helium:

12C + 1H→ 13N + γ

13N→ 13C + e+ + νe

13C + 1H→ 14N + γ

14N + 1H→ 15O + γ

15O→ 15N + e+ + νe

15N + 1H→ 12C + 4He

In a steady state, abundances of isotopes will be such that those which react
more slowly will have the higher abundance. The slowest reaction is proton
capture by 14N and so most 12C is converted 14N.



PP Chain and CNO Cycle Temperature Dependence – I

The PP-Chain and CNO-Cycle have very different energy generation rate tem-
perature dependencies. Because energy generation in the CNO-Cycle is limited
by the slowest reaction, energy generation rates are of the form:

εPP = (εPP)0 ρXH
2 T 4 and

εCNO = (εCNO)0 ρXHZ fN T
18.

Here (εPP)0 and (εCNO)0 are constants of proportionality, XH is the hydrogen
mass-fraction, Z is the metal mass-fraction and fN is the nitrogen fraction in
the metal mass-fraction.

Equating the two gives the temperature at which the PP-Chain and CNO-Cycle
generate energy at the same rate:

T '
[

(εPP)0XH

(εCNO)0Z fN

]1/14
K and approximately

T ∼ 1.7× 107 K.



PP Chain and CNO Cycle Temperature Dependence – II

7

TABLE I The Solar Fusion II recommended values for S(0), its derivatives, and related quantities, and for the resulting
uncertainties on S(E) in the region of the solar Gamow peak – the most probable reaction energy – defined for a temperature
of 1.55 × 107K characteristic of the Sun’s center. See the text for detailed discussions of the range of validity for each S(E).
Also see Sec. VIII for recommended values of CNO electron capture rates, Sec. XI.B for other CNO S-factors, and Sec. X for
the 8B neutrino spectral shape. Quoted uncertainties are 1σ.

Reaction Section S(0) S′(0) S′′(0) Gamow peak

(keV-b) (b) (b/keV) uncertainty (%)

p(p,e+νe)d III (4.01 ± 0.04)×10−22 (4.49 ± 0.05)×10−24 − ± 0.7

d(p,γ)3He IV (2.14+0.17
−0.16)×10−4 (5.56+0.18

−0.20)×10−6 (9.3+3.9
−3.4)×10−9 ± 7.1 a

3He(3He,2p)4He V (5.21 ± 0.27) × 103 −4.9 ± 3.2 (2.2 ± 1.7) × 10−2 ± 4.3 a

3He(4He,γ)7Be VI 0.56 ± 0.03 (−3.6 ± 0.2)×10−4 b (0.151 ± 0.008)×10−6 c ± 5.1
3He(p,e+νe)

4He VII (8.6 ± 2.6)×10−20 − − ± 30
7Be(e−, νe)

7Li VIII See Eq. (40) − − ± 2.0

p(pe−,νe)d VIII See Eq. (46) − − ± 1.0 d

7Be(p,γ)8B IX (2.08 ± 0.16)×10−2 e (−3.1 ± 0.3)×10−5 (2.3 ± 0.8)×10−7 ± 7.5
14N(p,γ)15O XI.A 1.66 ± 0.12 (−3.3 ± 0.2)×10−3 b (4.4 ± 0.3)×10−5 c ± 7.2

aError from phenomenological quadratic fit. See text.
bS′(0)/S(0) taken from theory; error is that due to S(0). See text.
cS′′(0)/S(0) taken from theory; error is that due to S(0). See text.
dEstimated error in the pep/pp rate ratio. See Eq. (46)
eError dominated by theory.
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Thursday, March 18, 2010FIG. 1 The stellar energy production as a function of temper-
ature for the pp chain and CN cycle, showing the dominance
of the former at solar temperatures. Solar metallicity has
been assumed. The dot denotes conditions in the solar core:
the Sun is powered dominantly by the pp chain.

that the SSM was designed to describe. The sound speed
profile c(r) has been determined rather precisely over the
outer 90% of the Sun and, as previously discussed, is now
in conflict with the SSM, when recent abundance deter-
minations from 3D photospheric absorption line analyses
are used.

A. Rates and S-factors

The SSM requires a quantitative description of relevant
nuclear reactions. Both careful laboratory measurements
constraining rates at near-solar energies and a supporting
theory of sub-barrier fusion reactions are needed.

At the temperatures and densities in the solar inte-
rior (e.g., Tc ∼ 15.5 × 106 K and ρc ∼ 153 g/cm3 at
the Sun’s center), interacting nuclei reach a Maxwellian
equilibrium distribution in a time that is infinitesimal
compared to nuclear reaction time scales. Therefore, the
reaction rate between two nuclei can be written (Bur-
bidge et al., 1957; Clayton, 1968)

r12 =
n1 n2

1 + δ12
〈σv〉12. (3)

Here the Kronecker delta prevents double counting in
the case of identical particles, n1 and n2 are the number
densities of nuclei of type 1 and type 2 (with atomic
numbers Z1 and Z2, and mass numbers A1 and A2), and
〈σv〉12 denotes the product of the reaction cross section
σ and the relative velocity v of the interacting nuclei,
averaged over the collisions in the stellar gas,

〈σv〉12 =

∫ ∞

0

σ(v) v Φ(v) dv. (4)

Under solar conditions nuclear velocities are very well
approximated by a Maxwell–Boltzmann distribution. It
follows that the relative velocity distribution is also a
Maxwell–Boltzmann, governed by the reduced mass µ of
the colliding nuclei,

Φ(v) dv =
( µ

2πkT

)3/2

exp

(
− µv

2

2kT

)
4πv2 dv. (5)



Helium Burning – Triple-α Reaction

The simplest reaction in a helium gas should be the fusion of two helium nuclei,
but there is no stable configuration with A = 8:

• The half life of 8Be is 2.6× 10−16 seconds

• A third helium nucleus can be added to 8Be before decay, forming 12C by
the “triple-alpha” reaction

4He + 4He→ 8Be

8Be + 4He→ 12C + γ.

• The existence of an energy level in the 12C nucleus with an energy close to
the energy of the combining 8Be and 4He nuclei was proposed by Hoyle and
subsequently found by experiment; this allows the “triple-alpha” reaction
to proceed to the expected rate.

• Energy released by the two-stage “triple-alpha” is

Q3α =
[
3M(4He)−M(12C)

]
c2 = 7.275 MeV

or about 10% the energy generated per unit mass when converting hy-
drogen to helium.

• The temperature dependence is astounding:

ε3α ∝ ρ2 T 40



Carbon and Oxygen Burning – I

The fusion of two 12C nuclei can proceed in one of the following ways:

12C + 12C→ 24Mg + γ,

→ 23Mg + n,

→ 23Na + 1H,

→ 20Ne + 4He and

→ 16O + 4He + 4He.

Similarly, the fusion of two 16O nuclei can proceed in one of the following ways:

16O + 16O→ 32S + γ,

→ 31S + n,

→ 31P + 1H,

→ 28Si + 4He and

→ 24Mg + 4He + 4He.



Carbon and Oxygen Burning – II

• Carbon burning requires T > 5× 108K and oxygen burning T > 109K.

• Interactions between 12C and 16O are negligible as at the temperatures re-
quired to penetrate the Coulomb barrier, 12C nuclei are quickly destroyed
by interacting with themselves.

• Branching ratios for the 12C and 16O reactions are temperature dependent
probabilities.

• 12C + 12C → ∼ 13MeV (∼ 5.2× 1013 J kg−1).

• 16O + 16O → ∼ 16MeV (∼ 4.8× 1013 J kg−1).

• Protons, neutrons and α-particles produced are immediately captured by
heavy nuclei, creating a variety of isotopes by secondary reactions.



Nuclear Statistical Equilibrium

• Two 28Si nuclei could fuse to give 56Fe which is at the end of the fusion
chain.

• But the T required to penetrate the Coulomb Barrier is now higher than
that at which 28Si photodisintegrates (T ∼ 3× 109K).

• Light particles emitted by 28Si photodisintegration are absorbed by other
28Si nuclei.

• Another example of photodisintegration is the reaction

16O + 4He↔ 20Ne + γ

which proceeds to the left when T > 1.5 × 109K and to the right when
T < 1.5× 109K.

• Although reactions tend to a state of equilibrium, a leakage occurs towards
the stable iron group (Fe, Co and Ni) nuclei which do not photodisinte-
grate until T < 7× 109K.



Major Nuclear Burning Processes

Element Process Tthreshold Products Energy Per

×106 K Nucleon (MeV)

H PP ∼4 He 6.55

H CNO 15 He 6.25

He 3α 100 C, O 0.61

C C+C 600 O, Ne, Na, Mg 0.54

O O+O 1000 Mg, S, P, Si ∼0.3

Si Nuc Eq. 3000 Co, Fe, Ni < 0.18

• Energy release by the consumption of nuclear fuel is the common feature.

• There is a large variation in the rates of energy release.

• Nuclear processes can also absorb energy from the radiation field with consequences which

can be catastrophic.



Solar System Abundances - I

1.03.1.5.3 Other sources for solar system
abundances

Emission spectroscopy of the solar corona,
solar energetic particles (SEP) and the compo-
sition of the solar wind yield information on the
composition of the Sun. Solar wind data were used
for isotopic decomposition of rare gases. Coronal
abundances are fractionated relative to photo-
spheric abundances. Elements with high first
ionization potential are depleted relative to the
rest (see Anders and Grevesse, 1989 for details).
The composition of dust grains of comet Halley

has been determined with impact ionization time-
of-flight mass spectrometers on board the Vega-I,
Vega-II, and Giotto spacecrafts. The abundances
of 16 elements and magnesium, which is used for
normalization, are on average CI chondritic to
within a factor of 2–3, except for hydrogen,
carbon, and nitrogen which are significantly
higher in Halley dust, presumably due to the
presence of organic compounds (Jessberger et al.,
1988). There is no evidence for a clear enhance-
ment of volatile elements relative to CI.
Many of the micron-sized interplanetary dust

particles (IDPs) have approximately chondritic
bulk composition (see Chapter 1.26 for details).
Porous IDPs match the CI composition better than
nonporous (smooth) IDPs. On an average, IDPs
show some enhancement of moderately volatile
and volatile elements (see Palme, 2000). Arndt
et al. (1996) found similar enrichments in their
suite of 44 chondritic particles (average size
17.2 ^ 1.2 mm). The elements chlorine, copper,
zinc, gallium, selenium, and rubidium were
enriched by factors of 2.2–2.7. In addition, these

authors also reported very high enrichments of
bromine (29 £ CI) and arsenic (7.4 £ CI), perhaps
acquired in the Earth’s atmosphere.
These particles probably come from the aster-

oid belt (Flynn, 1994). They are brought to Earth
by the action of the Poynting–Robertson effect.
Perhaps they are derived from sources that contain
uncondensed volatiles from the inner part of the
nebula. This would be the only example of a clear
enhancement of moderately volatile elements in
solar system material.

1.03.2 THE ABUNDANCES OF
THE ELEMENTS IN THE ISM

1.03.2.1 Introduction

The solar system was formed as the result of the
collapse of a cloud of pre-existing interstellar gas
and dust. We should therefore expect a close
compositional relationship between the solar
system and the interstellar material from which
it formed. If we make the assumption that the
composition of the ISM has remained unchanged
since the formation of the solar system, we can use
the local ISM as a measure of the original pre-
solar composition. Differences between the solar
system and current local ISM would imply that
fractionation occurred during the formation of the
solar system, that the local ISM composition
changed after solar system formation or that the
solar system formed in a different part of the
galaxy and then migrated to its present location.
Studies of solar system and local ISM composition
are therefore fundamental to the formation of the

Figure 6 Solar system abundances by mass number. Atoms with even masses are more abundant than those with
odd masses (Oddo–Harkins rule) (source Palme and Beer, 1993).

The Abundances of the Elements in the ISM 55



Solar System Abundances - II

solar system, the nature of the local ISM and the
general processes leading to low-mass star
formation.
The discovery of presolar grains in meteorites

has, for the first time, enabled the precise chemical
and isotopic analysis of interstellar material (e.g.,
Anders and Zinner, 1993; Chapter 1.02). The huge
variations in the isotopic compositions of all the
elements analyzed in presolar grains is in stark
contrast to the basically uniform isotopic compo-
sition of solar system materials (see Figure 1).
This uniformity would have required an effective
isotopic homogenization of all the material in the
solar nebula, i.e., gas and dust, during the early
stages of the formation of the solar system.

1.03.2.2 The Nature of the ISM

The ISM is the medium between the stars. For
present purposes, we will also consider the media
immediately surrounding stars (generally con-
sidered as circumstellar media) as part of the ISM.
Most of the matter in the ISM is in the form of a
very tenuous gas with densities of less than one
hydrogen atom per cm3 to perhaps a million
hydrogen atoms per cm3. For comparison the
terrestrial atmosphere contains about 1019 hydro-
gen atoms per cm3.
Interstellar matter is comprised of both gas and

dust. The gas consists of atomic and polyatomic
ions and radicals, and also of molecules. It is the

Figure 7 Enlarged parts of Figure 6: (a) mass range 70–140 and (b) mass range 138–209. The abundances of odd
mass nuclei are not a smooth function of mass number, e.g., Y and Sn.

Solar System Abundances of the Elements56



S-Process and R-Process – I

Elements having Z > 28 (nickel) are created by neutron capture:

• Neutrons are produced during C, O and Si burning.

• Neutron capture is not limited by the Coulomb barrier and it can proceed
at relatively low temperatures.

• Limited by the availability of free neutrons.

• If enough neutrons are available, a chain of reactions becomes possible:

I(A,Z) + n→ I1(A + 1, Z)

I1(A + 1,Z) + n→ I2(A + 2, Z)

I2(A + 2,Z) + n→ I3(A + 3, Z) etc..

• If a radioactive isotope is formed, it will undergo β decay, creating a new
element

IN(A + N,Z)→ J(A + N,Z + 1) + e− + ν̄e



S-Process and R-Process – II

If the new element is stable, it will resume neutron capture; otherwise, it may
undergo a further series of β decays.

J(A + N,Z + 1)→ K(A + N,Z + 2) + e− + ν̄e,

K(A + N,Z + 2)→ L(A + N,Z + 3) + e− + ν̄e etc.

In the process, two types of reaction and two types of nuclei are involved:

• neutron captures and β decays and

• stable and unstable nuclei.

Stable nuclei may only undergo neutron captures whereas unstable nuclei may
also undergo β decays; in this latter case, the outcome depends on the timescales
for the two processes.

Neutron capture reactions may proceed more slowly or more rapidly than com-
peting β decays. The different chains of reactions and products are called the
s-process and r-process.



S-Process and R-Process – III

• Neutron densities of 105 cm−3 and 1023 cm−3 are respectively required for
the s-process and r-process.

• 12C and 16O burning in Asymptotic Giant Branch (AGB) star envelopes
produce the neutron density required for the s-process.

• Nuclei formed by the s-process are always close to the line of stable nuclei
in the (A,Z) diagram.

• A r-process neutron density may only be achieved in a supernova.

• Neutron capture during the r-process is so rapid that neutron-rich nuclei
are formed faster than the β decay can remove them.

• Once a complete nuclear shell is formed in either process, adding fur-
ther neutrons becomes only possible once β decay has converted enough
neutrons into protons for a stable nucleus to be formed.

• Fission involving α decay limits the nuclear mass produced.

• About 35 nuclei are proton rich and cannot be produced by the s-process
or r-process. A proton capture reaction (p-process) is involved.



S-Process and R-Process – IV

• s-process path in the (N,Z) diagram (Fig. 5.3):

 leaves out some n-rich isotopes: define them as pure r-process nuclei
 leaves out some p-rich isotopes: define them as pure p-process nuclei
 define pure s-process nuclei such that

a) they lie on the s-process path
b) they can not form from β−-decays of nuclei far from the valley of stability

β−

N

Z

p

p s

s,r

s s,r s,r

s,r

ss,r

s,r

s,rs,rs,r r r

r

Figure 5.3: Schematic section of the nuclide chart, showing the s-process path as the thick
solid line. Dashed lines show the β-decay paths of neutron-rich nuclei produced by the r-
process. Shaded boxes show nuclei that are shielded from the r-process.
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Lecture 5: Summary

Essential points covered in fifth lecture:

• Stellar evolution is determined by reactions that occur in stellar interiors.

• Binding energy per nucleon determines the most stable isotopes and there-
fore the most probable end products of fusion and fission reactions.

• For fusion to occur, quantum mechanical tunneling through the repulsive
Coulomb barrier must occur so that the strong nuclear force (which is a
short-range force) can take over and hold the two nuclei together.

• Hydrogen is converted to helium by the PP-Chain and CNO-Cycle.

• In due course, helium is converted to carbon and oxygen through the
3α-reaction.

• Other processes, such as neutron capture reactions, produce heavier ele-
ments.
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